The first stars fundamentally transformed the early universe by emitting the first light and by producing the first heavy elements. These effects were predetermined by the mass distribution of the first stars, which is thought to have been fixed by a complex interplay of gas accretion and protostellar radiation. We performed radiation-hydrodynamics simulations that followed the growth of a primordial protostar through to the early stages as a star with thermo-nuclear burning. The circumstellar accretion disk was evaporated by ultraviolet radiation from the star when its mass was 43 times that of the Sun. Such massive primordial stars, in contrast to the often postulated extremely massive stars, may help explain the fact that there are no signatures of the pair-instability supernovae in abundance patterns of metal-poor stars in our galaxy.
semi-analytical model of this process predicts that this photoevaporation quenches the accretion flow of the disk material and puts an end to the stellar growth (8) . However, the interplay between the accretion flow and the stellar radiation is highly dynamical and complex.
To identify the exact mechanism that halts the growth of a first star and to determine its final mass, we applied a method used for studying the present-day massive star formation (9, 10) to the case of the formation of the first stars in a proper cosmological context. We followed the radiation hydrodynamic evolution in the vicinity of an accreting protostar, incorporating thermal and chemical processes in the primordial gas in a direct manner. We also followed the evolution of the central protostar selfconsistently by solving the detailed structure of the stellar interior with zero metallicity as well as the accretion flow near the stellar surface [supporting online material (SOM) text] (11, 12) . We configured the initial conditions by using the results of a three-dimensional (3D) cosmological simulation, which followed the entire history from primeval density fluctuations to the birth of a small seed protostar at the cosmological redshift 14 (6) . Specifically, when the maximum particle number density reached 10 6 cm −3
in the cosmological simulation, we considered a gravitationally bound sphere of radius 0.3 pc around the density peak, which enclosed a total gas mass of ≃ 300 M ⊙ . We reduced the 3D data to an axisymmetric structure by averaging over azimuthal angles.
The system was evolved until the central particle number density reached 10 12 cm −3 . We then introduced a sink cell of size ≃ 10 astronomical units (AU) and followed the subsequent evolution of the central protostar with a stellar evolution code. The accretion rate onto the protostar was calculated directly from the mass influx through the sink-cell boundary, whereas the luminosity from the protostar, which controls the radiative feedback, was calculated consistently from the protostellar model by using the derived accretion rate.
At its birth, a very small protostar of ∼ 0.01 M ⊙ was surrounded by a molecular gas envelope of ∼ 1 M ⊙ , which was quickly accreted onto the protostar. Atomic gas further out initially had too much angular momentum to be accreted directly, and a circumstellar disk formed. The infalling atomic gas first hit the disk plane roughly vertically at supersonic velocities. A shock front formed; behind the shock, the gas cooled and settled onto the disk, and its hydrogen was converted to the molecular form via rapid gas phase three-body reactions. The molecular disk extended out to ≃ 400 AU from the protostar, when the stellar mass was 10 M ⊙ . Accretion onto the protostar proceeded through this molecular disk as angular momentum was transported outward. The accretion rate onto the protostar was ≃ 1.6 × 10 −3 M ⊙ year −1 at that moment. The evolution of the central protostar is determined by competition between mass growth by accretion and radiative energy loss from the stellar interior. The time scale for the former is the accretion timescale t acc ≡ M * /Ṁ , where M * is mass of the protostar andṀ is mass accretion rate, whereas that for the latter is the Kelvin-Helmholtz (KH) timescale t KH ≡ GM 2 * /R * L * , where L * is the luminosity from the stellar interior, R * is radius of the star, and G is gravitational constant. The total luminosity of the protostar L tot is the sum of the stellar luminosity L * and accretion luminosity L acc ≡ GM * Ṁ /R * (13) .
In the early accretion phase, the stellar radius remained almost constant at ≃ 50 solar radius (R ⊙ ) ( Fig. 1-A) . The stellar luminosity was substantially lower than the accretion luminosity ( Fig. 1-B ) and the KH timescale was much longer than the accretion time ( Fig. 1-C) . Consequently, entropy carried by the accreted gas accumulated at the stellar surface nearly without loss. During this quasi-adiabatic stage (M * < 7 M ⊙ ), the luminosity L * increased with stellar mass. When the star grew to 8 M ⊙ , the KH timescale finally fell below the accretion timescale ( Fig. 1-C ). After this, the protostar began its so-called KH contraction, in which it gradually contracted as it radiated its energy away ( Fig. 1-A) . The stellar luminosity was the main component of the total luminosity after this evolutionary stage ( Fig. 1-B) . The stellar luminosity L * increased, and stellar radius R * decreased, as the stellar mass increased. As a result, the stellar effective temperature T eff ∝ (L * /R 2 * ) 1/4 and the ultraviolet (UV) flux rapidly rose ( Fig. 1-D) . Thus, ionization and heating by UV photons became important already in the KH contraction stage.
When the stellar mass was 20 M ⊙ , an ionized region rapidly expanded in a bipolar shape perpendicular to the disk, where gas was cleared away (Fig. 2-A) . At this moment, the disk extended out to ≃ 600 AU. The disk was self-shielded against the stellar H 2 -dissociating (11.2 eV ≤ hν ≤ 13.6 eV) as well as the ionizing radiation. The ionized atomic hydrogen (HII) region continued to grow and finally broke out of the accreting envelope. At M * ≃ 25 M ⊙ , the size of the bipolar HII region exceeded 0.1 pc (Fig.  2-B) . Because of the high pressure of the heated ionized gas, the opening angle of the ionized region also increased as the star grew ( Fig. 2-C) . Shocks propagated into the envelope preceding the expansion of the ionized region. The shocked gas was accelerated outward at a velocity of several kilometers per second. The shock even reached regions shielded against direct stellar UV irradiation. The outflowing gas stopped the infall of material from the envelope onto the disk (Fig. S6) . Without the replenishment of disk material from the envelope the accretion rate onto the protostar decreased (Fig. 3) . In addition, the absence of accreting material onto the circumstellar disk means that the disk was exposed to the intense ionizing radiation from the star. The resulting photoevaporation of disk gas also reduced the accretion rate onto the protostar. The photoevaporated gas escaped toward the polar direction within the ionized region. The typical velocity of the flow was several tens of kilometers per second, comparable with the sound speed of the ionized gas, which was high enough for the evaporating flow to escape from the gravitational potential well of the dark matter halo. When central nuclear hydrogen burning first commenced at a stellar mass of 35 M ⊙ , it was via the proton-proton (pp) -chain normally associated with low-mass stars. The primordial material does not have the nuclear catalysts necessary for carbon-nitrogen-oxygen (CNO) -cycle hydrogen burning. Because the pp-chain alone cannot produce nuclear energy at the rate necessary to cover the radiative energy loss from the stellar surface, the star continues to contract until central temperatures and densities attain values that enable the 3-α process of helium burning (11) . The product of helium burning is carbon, and once the relative mass abundance of carbon reaches ∼ 10 −12 , CNO-cycle hydrogen burning takes over as the principal source of nuclear energy production, albeit at much higher central densities and temperatures than those of stars with solar abundances. These first-generation ZAMS (zero-age main sequence) stars are thus more compact and hotter than their present-day counterparts of equal mass (14) . The subsequent evolution of the accreting star followed along the ZAMS mass-radius relationship ( Figure  1A ). By the time the star attained 40 M ⊙ , the entire region above and below the disk (Fig. 2D ) was ionized. Mass accretion was terminated when the stellar mass was 43 M ⊙ (Fig. 3 ).
The entire evolution described above took about 0.1 million years from the birth of the embryo protostar to the termination of the accretion. The star is expected to live another few million years before exhausting all available nuclear fuel and exploding as a core-collapse supernova (15) .
Our calculations show that the first stars regulated their growth by their own radiation. They were not extremely massive, but rather similar in mass to the O-type stars in our Galaxy. This resolves a long-standing enigma regarding the elemental abundance patterns of the Galactic oldest metal-poor stars, which contain nucleosynthetic signatures from the earliest generation of stars. If a substantial number of first stars had masses in excess of 100 M ⊙ , they would end their lives through pair-instability supernovae (16, 17) , expelling heavy elements that would imprint a characteristic nucleosynthetic signature to the elemental abundances in metal-poor stars. However, no such signatures have been detected in the metalpoor stars in the Galactic halo (18, 19) . For example, the abundances of elements with odd atomic numbers are generally reduced in remnants of primordial supernovae. The odd-even contrast pattern expected in pair-instability supernovae is much stronger than the observed patterns in Galactic metalpoor stars (17) . Moreover, pair-instability supernovae predict a small abundance ratio [Zn/Fe], but observed values are much larger (16) . Detailed spectroscopic studies of extremely metal-deficient stars indicate that the metal-poor stars were born in an interstellar medium that had been metal-enriched by supernovae of ordinary massive stars (20) .
Second-generation stars, which formed from the primordial gas affected by radiative or mechanical feedback from the first stars, could have dominated the metallicity of the young interstellar medium, which then spawned the observed Galactic halo stars. These second-generation stars could have been more numerous but less massive than the first stars because of a different gas thermal evolution, with additional radiative cooling via H 2 and HD molecules (21, 22) . However, this mode of star formation is suppressed even with weak H 2 photodissociating background radiation (22) . If so suppressed, the formation process of the later-generation primordial stars would be similar to that of the very first stars, and most primordial stars could have experienced the evolution presented in this article regardless of their generation. One might argue that today's observed metal-deficient stars formed after an episode of star formation with non-zero metallicity. For the star formation process to differ substantially from that of the very first stars, one would require metallicities in excess of [Fe/H] > −5 (23, 24) . Caffau and co-workers (25) report on observations of a metal-deficient star with [Fe/H] ≃ −5 but without the corresponding enhancement of carbon, nitrogen, and oxygen found in metal-deficient stars. The abundance pattern of this star agrees with expectations from core-collapse supernovae, implying that it formed from gas enhanced by material ejected from primordial stars with masses less than 100 M ⊙ .
We have performed radiation-hydrodynamic simulations only for a single star-forming region embedded in a cosmological simulation. Our selected dark halo was typical in mass, spin, and formation epoch, when compared with those in other studies (5) . The evolution presented here is somewhat similar to that predicted by the semi-analytic model, in which the expansion of the ionized region begins when the stellar mass is ≃ 25 M ⊙ and the final mass is ≃ 57 M ⊙ (8), the lowest final stellar mass predicted by the semi-analytic treatment. If input parameters of the semi-analytic models are chosen to fit our initial gas cloud, however, the final mass should be higher, ≃ 90 M ⊙ (SOM text). Our calculations follow the dynamical response of the infalling gas onto the circumstellar disk. The expansion of the ionized region around the protostar generates a powerful outflow even behind the surrounding disk. This effect reduces the accretion rate significantly. Thus, our radiation-hydrodynamic calculations predict systematically lower final masses than those of the semi-analytic models.
Although the results described above provide a complete picture of how a primordial protostar regulates and terminates its growth, there are a few key quantities that determine the strength of the feedback effect, as suggested by the semi-analytic model (8) . With smaller initial rotation of the natal dense core, the density in the envelope near the polar directions would be higher. Hydrogen recombination occurs rapidly in the dense gas, which prevents the breakout of the ionized region. Gas accretion can last for a longer time in this case, and would form more massive stars (SOM text). Nevertheless, even considering variations among dark halos bearing the first stars, a substantial fraction of the first stars should be less massive than 100 M ⊙ and end their lives as ordinary core-collapse supernovae. Gas accretion might not be completely halted in a few exceptional cases, thus leading to the formation of a small number of extremely massive stars that are > 100 M ⊙ in the early universe (26) . Black holes left after such very massive stars' deaths might have grown up to be the supermassive black holes lying in galaxies.
Recent 3D cosmological simulations showed that a primordial gas cloud breaks up into several embryo protostars in an early phase (27, 28) . Each of these protostars would continue to grow through mass accretion, but it remained uncertain how and when the growth is halted. Our radiation-hydrodynamics calculations explicitly show that the parent gas cloud is evaporated by intense radiation from the central star when its mass is several tens of solar-masses. The circumstellar disks in our simulations are marginally stable against gravitational fragmentation [ Fig. S5 ]. We expect that these disks -in a 3D simulation -would evolve analogously to our numerical simulations with assumed axial symmetry and have a similar time-averaged structure. It is conceivable that a few protostars are ejected dynamically from the parent cloud, to remain as low-mass stars. Observationally, however, there have been no low-mass zero-metallicity stars discovered in the Galaxy. This fact suggests the limited formation efficiency of such low-mass primordial stars (19) . Low-mass stars (< 1 M ⊙ ) and extremely high mass stars (> 100 M ⊙ ), if any, are thus a minor population among the first stars.
Our self-consistent calculations show that the characteristic mass of the first stars is several tens of solar masses. Although this is less than that of the conventionally proclaimed extremely massive stars (> 100 M ⊙ ), it is still much larger than the characteristic mass of stars in our galaxy (< 1 M ⊙ ) (29) . Fig. 1 : Evolution of the stellar radius, bolometric luminosity, evolutionary timescales, and ionizing (hν ≥ 13.6 eV) and dissociating (11 eV ≤ hν ≤ 13.6 eV) photon number luminosity. In panel (b), the total luminosity L tot (black) is the sum of the stellar luminosity L * (red) and accretion luminosity L acc (blue). The KH timescale t KH (red) and accretion timescale t acc (blue) are depicted in panel (c). The yellow and blue backgrounds denote the adiabatic accretion phase and KH contraction phase in the protostellar evolution. Figure  2 , A to D, shows the snapshots at the moments marked here with asterisks.
Supporting Online Material 1 Numerical Methods
We have developed a hybrid code to simultaneously calculate the evolution of an accreting first generation (proto-)star and the flow of the surrounding primordial material. We solve the accretion flow with a radiation hydrodynamic code, whereby the central (proto-)star is represented as a sink cell. This sink cell grows in mass by inflow through its boundary and it influences the surrounding material flow via gravity and by emitting radiation. We follow the evolution of the central star from the earliest protostellar stage up to the early phases of nuclear burning on the zero age main sequence by solving the conventional stellar structure equations, taking into account mass accretion. The material functions for the stellar evolution calculation -the opacity, the equation of state and other thermodynamic relationships, as well as the nuclear reaction network -assume zero metallicity. The calculated evolution provides the emitted radiation from the sink cell as a function of time. We describe below our methods of calculation for the accretion flow and the protostar, respectively.
Radiation Hydrodynamics of the Accretion Flow
To study the evolution of the flow of primordial gas we employ a grid-based axisymmetric radiation hydrodynamic code with self-gravity, previously used for studying present-day star formation (7, 10) and the evolution of photoionized gas flow from protostellar disks (9, 30) . This code makes use of a nested-grid technique to cover a wide spatial range (31) . We have added a chemical network besides changes based on the nature of the primordial material. The governing equations for gas dynamics in cylindrical coordinate (R, Z) are,
where ρ and p are the gas density and pressure, Φ the gravitational potential, v the 2-dimensional (2D) velocity vector (v R , v Z ), A ≡ ρRv φ the angular momentum per unit volume, n R the radial unit vector, K the radiation force, e the gas internal energy density, Γ and Λ the heating and cooling rates per unit volume, and γ the adiabatic exponent. We calculate γ from the chemical composition at each grid cell as in (2) . The radiative and chemical processes included in the energy source term Γ − Λ are summarized in Table S1 .
Radiation Transfer
For the problem at hand photons in different wavelength regimes play vastly different roles in the thermal and chemical processes. For example, whereas gas cools via molecular hydrogen line emission and infrared/optical continuum radiation, photons with energies hν ≥ 13.6 eV (EUV) photoionize atomic hydrogen and photons with energies 11.2 eV ≤ hν ≤ 13.6 eV (FUV) photodissociate molecular hydrogen. To treat their transfer properly without time-consuming calculations, we adopt different methods for each of the radiation components. Molecular Hydrogen Line Cooling The primary cooling process in low-temperature (<∼ 8000K) primordial gas is line emission via rotational and vibrational transitions of hydrogen molecules. We adopt the fitting formula by (33) for the optically-thin limit for n <∼ 10 9 cm −3 . Dense gas with n >∼ 10 9 cm −3 is opaque to H 2 line emission, and the cooling rate is reduced by photon trapping. In this case the cooling rate is calculated by adapting the method of (4) to the case of axial symmetry. We sum up cooling rates for all possible transitions among the rotational levels from J = 0 to 20 and vibrational levels v = 0, 1, 2.
The cooling rate by a transition for the optically thick case is obtained by multiplying the value for optically thin cooling by the escape probability. The escape probability β esc is evaluated as
where β(τ ) is
and τ R and τ Z are the optical depths of this transition along R and Z directions, respectively. We calculate the optical depths using the local velocity gradients (so-called Sobolev approximation)
where q = R or Z, α is the absorption coefficient and c s is the sound speed. For calculating the level-population of H 2 molecules, we omit the excitation by absorbing stellar photons, which could potentially reduce the line cooling rate. In general, H 2 molecules could be excited to (i) the Lyman-Werner bands by absorbing FUV photons or (ii) the higher rotational and vibrational levels by absorbing infrared photons. In our case, the process (i) would be minor because the disk is shielded against the stellar FUV radiation (also see Sec. 3). The process (ii) is negligible in most parts of the disk even with the radiation from the protostar.
Continuum Cooling During the collapse phase before the formation of a protostar, continuum cooling via H 2 collision-induced emission (CIE) is important in the dense (n > 10 13 cm −3 ) molecular gas (2).
However, we only find such dense gas inside the sink cell; it does not otherwise appear in our hydrodynamical calculation. Instead, cooling via H − free-bound emission becomes important in the nearly vertical flows onto the circumstellar disk (also see Sec. 3 below).
The continuum cooling rate Λ c in the gray approximation is written as
where c is the speed of light, and κ P is the Planck mean opacity per unit mass. The continuum radiation energy density E c satisfies the equation
where F c is the energy flux, and j * is the stellar source term. Using the total luminosity of the protostar L tot , the stellar source term is given by
where ∆R and ∆Z are the size of the sink cell, which is equal to the cell size at the finest grid-level, 12 AU. The source term is zero except for the sink cell. We solve equations (9) with the flux-limited diffusion (FLD) approximation (36) using the operator splitting technique with de/dt = −Λ c (37). The FLD method adopts a closure relation between F c and E c
where κ R is the Rosseland mean opacity, and λ is the flux-limiter defined as
We use the opacities κ P and κ R for primordial gas calculated by (38) in tabulated forms. As mentioned above, the most important continuum cooling is that via H − free-bound emission. Neutral gas falling onto the disk is heated up to T g ≃ 5 × 10 3 K by compressional heating, until thermal balance is achieved with this cooling process. In our calculation the accreting envelope is always optically thin to the non-UV continuum radiation and non-UV stellar radiation escapes without significant heating in the envelope.
Stellar EUV and FUV Radiation EUV radiation from the star ionizes the material in its immediate vicinity. Within the HII region, there are two components of the EUV field: the direct stellar component and the diffuse component emitted via recombinations directly into the ground state (i.e. no "on-thespot" approximation). We solve the transfer of these two EUV components separately following (30) . We adopt a frequency-averaged approximation for each component, taking into account the difference in their mean energies, hν * (stellar) and hν d (diffuse).
To calculate the direct EUV field we cast a number of radial rays from the central star to the outer edge of the simulation box, along which the transfer equation for the direct EUV photon number flux F * is solved:
where x is the degree of ionization and σ * is the absorption cross section per particle. The cross section σ * is a function of mean energy of the direct EUV photons, i.e., the effective temperature of the star T eff (32).
We employ the FLD approximation for the diffuse component, whose transfer equation is
where N d is the diffuse EUV photon number density, α 1 is the recombination coefficient to the ground state, and σ d is the absorption cross section. Under the approximation that the mean energy of the diffuse component depends only on the local gas temperature T g , the cross section σ d becomes a function of T g (32) . In the FLD approximation,
in analogy to equation (11) . The photoionization heating and recombination cooling rates are calculated for each component of EUV radiation separately.
As for the photodissociating FUV radiation, we only consider the stellar direct component. We calculate the photodissociation rate by multiplying the value for the optically-thin case by the selfshielding factor (39)
where N H2 is the H 2 column density from the protostar to the point under consideration, N 1 = 10 14 cm −2 , and N 2 = 10 22 cm −2 . Although the original functional form of f sh (N H2 ) by (39) is for the range N 1 < N H2 < N 2 , we adopt the cut-off at N H2 > N 2 , where the photodissociation rate falls sharply according to (39) . In our calculation, the column density largely exceeds N 2 along the radial rays incident on the circumstellar disk.
As shown in Sec. 3 below, the innermost part of the disk at R < several 10 AU is not spatially resolved in our calculations. We expect the innermost part of the disk to be optically thick and shield the material near the disk mid-plane behind it from the stellar radiation (40) . We adopt the following treatment for modeling this effect. During the calculation, we evaluate the disk scale height H(R) ≡ c s /Ω at each radius R on the equator. We compute i R,d , the R-index of the cell at the outer edge of the unresolved part, for which H(R) < ∆Z. The unresolved part is assumed to be opaque to radial rays incident on the (i R,d + 1)-th cell on the equator up to a height ∆Z, but transparent for the other rays.
Radiation Force The total radiation force K is calculated as the sum of contributions by the continuum radiation, direct and diffuse EUV radiation:
Here, we omit contributions from FUV photons. In reality, the gas accretion envelope is opaque against Lyman-α photons emitted from the stellar atmosphere and HII region. Radiation pressure via the Lyman-α scattering is exerted on the accretion envelope. With mass accretion through the circumstellar disk, in particular, photons are preferentially transferred toward the polar direction, where the gas density rapidly decreases as the mass accretion proceeds ("flashlight effect": c.f. (7)). The semi-analytic modeling by (8) shows that the Lyman-α pressure could influence the dynamics of infalling material near the rotation axis. As also discussed in (8) , however, the radiation pressure via Lyman-α scattering would be significantly reduced once gas in polar directions is blown away and photons escape from the cavity. In this paper, we focus on the UV radiative feedback effects to derive upper limits of the stellar final masses. 
Chemical Reactions in the Primordial Gas
We consider the five species of primordial gas H, H + , e, H 2 , and H − , based on the minimal model of (41) with some additional reactions. The included reactions are summarized in Table S2 . Except H − , we solve kinetic equations with an implicit difference scheme. H − is assumed to be in chemical equilibrium.
Photodissociation of H
− is omitted in the adopted chemical network. In our calculations the gas density is high enough that the collisional destruction processes (R4, 14, and 15) control its abundance. We curtail helium chemistry by assuming that helium is singly ionized in an HII region and atomic elsewhere. We do not include deuterium reactions because HD cooling is relevant only in low-temperature (T g < 200 K) and low-density (n < 10 8 cm −3 ) gas, which does not appear in our simulations.
Angular Momentum Transport in the Accretion Disk
In an exactly axisymmetric system, angular momentum must be conserved. In reality, however, a massive circumstellar disk can develop a non-axisymmetric spiral pattern, which exerts a torque on the matter in the disk and transfers angular momentum outward. Recent 3-dimensional (3D) numerical simulations demonstrated that this mechanism operates in fact in the circumstellar disks of the first stars (28, 45) . We mimic this effect by adopting the angular momentum transport via the so-called α-viscosity (46) . The equation of angular momentum transport is thus given by
where Ω is angular velocity, η = 2αρc 2 s /(3Ω), and α is a dimensionless free parameter. We assume that the α-parameter depends on the height from the equator,
where α 0 is a constant. The effective values of the α-parameter in rapidly accreting circumstellar disks are α ≃ 0.1 − 1 as estimated from 3D simulations of present-day massive star formation (47) as well as the formation of the first stars (28) . In the fiducial case explained in the main article, we adopted α 0 = 0.6. Figure S1 shows the evolution of accretion rates onto the protostar for different values of α 0 . Although the evolution is qualitatively similar in all cases, with higher α 0 angular momentum is transferred more rapidly and therefore accretion rates onto the protostar become higher. We see that the final stellar mass increases with α 0 . With the low value of α 0 = 0.3, the final stellar mass is about 35 M ⊙ . This is close to the low-mass limit of 30 M ⊙ predicted by (3), who expected that this amount of gas would accrete onto the protostar in a few thousand years, which is much shorter than the timescale of the protostellar evolution. Even with α 0 as large as unity, on the other hand, the final mass reaches at most M * ≃ 50 M ⊙ . Note, however, that this does not exclude the possibility of formation of higher-mass stars. The semianalytic models predict that more massive stars would form with weaker initial rotation of the natal core (8) (also see Sec. 4). Although rare, stars exceeding 100 M ⊙ might still form in such circumstances. Figure S1 also shows the evolution in such a test case, whereby the initial angular momentum is artificially reduced to 30% of the original value.
1 The final stellar mass is ≃ 85 M ⊙ in this case. The increase of the final mass is understood as follows. First, the gas density remains high in the accretion envelope in the polar directions for the same stellar mass. The stellar EUV photons are consumed more effectively by photoionization of neutral hydrogen generated via rapid recombination, which delays growth of an HII region. Second, the protostellar evolution differs from the fiducial case, because of the higher accretion rates. Figure S2 shows that, with the weaker rotation, the Kelvin-Helmholtz contraction stage is shifted to higher stellar masses. Correspondingly, the stellar EUV luminosity increases rapidly at a stage when the protostar is more massive than for the fiducial case. Because of these effects, the stellar UV feedback becomes effective at higher stellar masses. We note that for all examined cases, the mass accretion ceases soon after the protostar's arrival to the zero age main sequence.
Protostellar Evolution
We follow the evolution of the central protostar by solving the four stellar structure equations taking account of mass accretion (11, 12, 48) :
where M is the Lagrangian mass coordinate, ǫ is the energy production rate by nuclear fusion, s is the specific entropy, and L s is the radiative luminosity with adiabatic temperature gradient. The coefficient, C in equation (24) is unity if L < L s (i.e., in radiative layers), and given by the mixing-length theory if L > L s (i.e., in convective layers). We also solve the structure of the accretion flow inside the sink cell under the assumption of steady state and spherical symmetry. The entire structure of both the protostar and accretion flow is consistently determined to satisfy the jump conditions for the accretion shock at the stellar surface (49) . Mass accretion rates onto the protostarṀ * are given by mass inflow rates through the surface of the sink cell in the radiation-hydrodynamics calculation. With a high accretion rate oḟ M * > 10 −4 M ⊙ yr −1 , the accretion flow just above the stellar surface becomes opaque to the stellar radiation under the assumption of perfect spherical symmetry. The photosphere is located far from the stellar surface, its temperature is reduced to ≃ 6000 K even for very massive stars of M * ≃ 100 M ⊙ (11) . With the realistic disk accretion, however, the stellar surface at high latitude is not totally embedded in such an opaque flow and the UV radiation can freely radiate. For this reason, we evaluate the protostellar EUV and FUV photon number luminosities using the fluxes at the stellar surface as
11.2eV
where R * is the stellar radius, B(T eff ) is the Planck function, and T eff is defined as
where L * is the stellar luminosity, L acc ≡ GM * Ṁ * /R * is the accretion luminosity, and σ is StefanBoltzmann constant. The stellar UV luminosities given by equations (25) - (27) assume that all the gas reaching the stellar surface releases its gravitational energy at the stellar surface. In reality, some fraction of the gravitational energy would be radiated away from the circumstellar disk with a lower effective radiation temperature than that of the stellar surface. Because the accretion luminosity L acc is only a few 10 % of the stellar luminosity L * , when the protostellar feedback begins to influence the mass accretion (see the main article), we do not expect a significant change in the overall accretion process.
The stellar EUV photons are consumed mostly by photoionizing the recombined hydrogen atoms within the HII region. As the recombination rate is proportional to the square of density, this consumption is most significant in the vicinity of the protostar. In our calculations, however, the flow structure very near the protostar is masked by our assumption of a sink cell. We evaluate the EUV consumption rate within the sink cell as follows. First, we consider the spherical "evacuation zone", whose radius R ev is smaller than the gravitational radius for the ionized gas,
and larger than the size of the sink cell, ≃ 10 AU. In our calculations the temperature of ionized gas T HII is ≃ 3 × 10 4 K just after formation of the HII region and rises slightly as the stellar mass increases. We adopt R ev = 30 AU as a fiducial value. The density distribution within the evacuation zone should be well approximated as the free-fall flow whose radial density structure follows ρ(r) ∝ r −3/2 . The consumption rate of EUV photons within this zone is analytically written as,
where α is the total recombination rate, µ = (1 + 4y He )m p with the helium abundance y He and proton mass m p , andṀ ev is the mass inflow rate into this zone. We evaluateṀ ev using the gas inflow rate along the Z-axis,Ṁ
where ρ z,ev is the gas density at (R, Z) = (0, R ev ). We suppose that the HII region is quenched inside the evacuation zone when the stellar EUV luminosity S EUV is less than the consumption rate S EUV,ev . We do not solve the EUV radiative transfer for such cases. After S EUV exceeds S EUV,ev , we remove the limit of S EUV,ev and assume that the EUV luminosity from the sink is S EUV . We only marginally resolve the evacuation zone with the current grid resolution. The estimated value of S EUV,ev depends on the grid size without resolving R g,HII , because free-fall flow is valid only inside of R g,HII . For test calculations with a 2× coarser innermost grid around the protostar, formation of the HII region begins for a bit higher stellar mass (by a few 10%). Moreover, the flow structure within the evacuation zone could be complex. For instance, the protostellar outflow might be launched from the innermost part of the disk (50) with the help of magnetic field generated by dynamo amplification (51, 52) . This outflow would help the breakout of the HII region by clearing out materials close to the star in the polar directions. However, the evolution should depend on the detailed density structure in the outflowlaunching region, which controls the EUV consumption rate.
Simulation Setup
As the initial condition of our calculation, we assume the structure of a dense core in the run-away collapse from the cosmological simulation by (6) . The calculation by (6) followed the entire evolution from the cosmological initial condition to the birth of a primordial protostar under the standard ΛCDM cosmology. A small protostar of M * ≃ 0.01 M ⊙ forms at 10 20 cm −3 as a result of the run-away collapse of a dense primordial-gas core at the cosmological redshift z = 14. Specifically, we take the central 0.3 pc cube around the density peak when the maximum density is 10 6 cm −3 as our initial condition. We reduce the 3D data to an axisymmetric 2D distribution by averaging over azimuthal angles. Our simulation box contains the total gas mass of ≃ 300 M ⊙ .
The numbers of the grid cells are initially N Z × N R = 42 × 42, including 2 ghost cells in each direction. After we start our axisymmetric calculation, the dense core experiences continued gravitational collapse. We increase the grid resolution for the central collapsing region by successively adding finer nested grids as needed. With this nested-grid technique, we always resolve the minimum Jeans length by tens of grid cells. The increase of the grid-level is limited up to 8 owing to computational cost for following the subsequent accretion phase until the final stellar mass is fixed. We terminate the calculation of the run-away collapse when the minimum Jeans length becomes too short to be resolved with the finest grids. At this point we create a sink cell at the origin and calculate the subsequent accretion phase as described in Sec. 1. The central density at this moment is ≃ 10 12 cm −3 , and the cell size at the finest grid-level is ≃ 12 AU.
This recipe enables us to smoothly connect the 3D cosmological simulation using the particle method to a 2D (axial symmetry assumed) local simulation using the nested-grid method. We have confirmed that the evolution in our 2D calculation is reasonably consistent with the 3D results after the maximum density exceeds 10 6 cm −3 . For example, the upper panel of Figure S3 shows a comparison of the angularmomentum profiles for the 3D and 2D calculations using a parameter,
where M r is the enclosed mass within radius r, and l r is specific angular momentum averaged over the spherical shell whose radius is r. The profile for the 2D simulation is within 20 % offset from that in the 3D case taken from (6) . Although most of our simulations were done with the settings described above, we also calculated early evolution, turning off the stellar feedback, with the higher maximum grid-level of 9. The spatial resolution for R < 240 AU is doubled in this case and size of the finest cell is ≃ 6 AU. Figure S1 shows the evolution of the accretion rate until the stellar mass reaches 30 M ⊙ . The accretion rates are initially a bit lower with the higher central resolution but converge to our fiducial case as the stellar mass increases.
Structure of the Circumstellar Disk
Here, we examine the detailed structure of the circumstellar disk observed in our fiducial case. Figure S4 shows the 2D structure of the region within 1000 AU of the protostar, when the stellar mass is ≃ 10 M ⊙ and 20 M ⊙ . The snapshot for the 10 M ⊙ star shows the structure before the formation of an HII region. We see that the accreting gas hits the disk surface and heats up to ≃ 4000 K by compression. Radiative cooling via H − free-bound emission operates here as explained in Sec. 1.1.1. Figure S5 displays the radial structure of the disk at this moment. The hydrogen is primarily in molecular form within the disk due to rapid formation via the gas phase three-body reaction. Note that the existence of H 2 molecules and their contribution for radiative cooling are not included in the semi-analytic models. The total mass of this molecular gas is ≃ 10 M ⊙ , which is comparable to the stellar mass. Gas on the equator at R < 1000 AU has the rotational velocity more than 80% of the local Kepler value. The disk scale height is resolved on average except for the innermost part at R < 100 AU. The profile of the Toomre Q-parameter, a measure of the gravitational stability of the disk, shows that the minimum value Q min is almost unity. Thus, the disk is marginally gravitationally stable against the fragmentation. However, high-resolution 3D simulations demonstrate that the disk fragments due to gravitational instability in very early stage of the accretion phase (28) . Note that "ring-like" fragmentation can be captured even in axisymmetric 2D simulations. The absence of fragmentation in our simulation is probably due to the limited spatial resolution and the large values of the viscous α-parameter, α 0 ≥ 0.3 (also see Sec. 1.1.3). In our case, the disk is also marginally stable in an earlier stage when the stellar mass is ≃ 3 M ⊙ (Fig. S5) . This is almost the same even with the doubled spatial resolution for R < 240 AU. Even disks which experience fragmentation have a quasi-static structure with Q min ≃ 1, if averaged over many rotation periods. Such structure is well mimicked in our calculations.
The right panel in Figure S4 shows the 2D disk structure just after the birth of the HII region. We see a strong photoevaporating flow in the polar directions within the HII region. The stellar FUV luminosity has also increased significantly, but the H 2 molecular disk still exists, shadowing the stellar photodissociating photons from the dense equatorial regions, evident in the disk's temperature and density distributions. The mass of the molecular gas is ≃ 10 M ⊙ at this moment.
Comparison to Semi-analytic Models
Our calculations show that mass accretion toward forming first stars is shut off via dynamical expansion of the HII region and photoevaporation of the circumstellar disk. This is qualitatively consistent with the picture predicted by the semi-analytic models (8) . Their models show that the final stellar mass is ≃ 145 M ⊙ for their fiducial case; this value varies with different sets of input parameters. One of the input parameters is f Kep given by equation (31); their adopted fiducial value is 0.5. Figure S3 shows that f Kep ≃ 0.6 − 0.7 for our fiducial case and is lower than 0.5 for the weak-rotation case. For the semi-analytic model with f Kep > 0.25, however, the final stellar mass does not depend strongly on f Kep , but rather on the entropy of the accreting gas, measured with a non-dimensional parameter
where γ = 1.1 is adopted for a typical value for the primordial gas (2).
The semi-analytic models use K ′ = 1 for their fiducial case and show that the final mass roughly scales as K ′1. 3 . From Figure S3 we see that K ′ ≃ 0.7 for our fiducial case and K ′ ≃ 0.8 − 1 for the weak-rotation case. The semi-analytic model with K ′ = 0.7 predicts a final mass ≃ 90 M ⊙ , twice our value of 45 M ⊙ . The final mass ≃ 85 M ⊙ for our weak-rotation case is somewhat lower than the semi-analytic prediction > 108 M ⊙ for K ′ > 0.8. The initial conditions in our examined cases correspond to typical values for gas clouds bearing the first stars. Figure S1 shows that the accretion rates for the cases considered lie in the range 10 −2 to 10 −3 M ⊙ yr −1 for the 10 M ⊙ star, comparable to that expected for 12 mini-halos using the semi-analytic models (53) . However, our calculations attain systematically lower final masses than predicted by semianalytic models.
We examine possible reasons for this difference below. First, in our calculations, the mass ratio between the star and disk f d ≡ M disk /M * differs from the fiducial value in the semi-analytic models, f d = 0.3. As discussed in Sec. 3, for our fiducial case the mass of the molecular disk is ≃ 10 M ⊙ , when the stellar mass is 10 M ⊙ , and would be even higher, if we include the outer atomic part. In 2D simulations, however, the value of f d depends on the degree of α-viscosity, α 0 (see Sec. 1.1.3). With the larger value α 0 = 1, for example, the mass of the molecular disk for the 10 M ⊙ star is reduced to 8 M ⊙ . To derive the appropriate value of f d , we need detailed 3D numerical simulations which solve the transport of angular momentum in self-gravitating disks. Recent work on the Galactic star formation demonstrates that massive disks with f d ≥ 1 can form in some situations, though the value of f d varies with different initial conditions of gas cores (54, 55) .
We contend, however, that differences in the stellar feedback process are principally responsible for the differences in final stellar mass. The semi-analytic models adopt the following formula for estimating the photoevaporation rate of the disk, disk without replenishment from the envelope continues to lose gas by the photoevaporation. Ultimately, mass accretion onto the protostar ceases and the stellar final mass is fixed.
Potential Effects of 3-Dimensionality
For this study we have adopted an axisymmetric 2D code for calculating the dynamical evolution of the accreting flow. Recent 3D simulations for the present-day high-mass star formation are helpful for speculating on potential 3D effects.
A primary radiative feedback effect from Galactic high-mass stars is radiation pressure exerted on dust grains coupled with the gas accretion flow. Historically, this effect was first studied under spherical symmetry (57) (58) (59) and it was found that the accretion flow toward high-mass stars is prevented by the strong repulsive force (called as "radiation pressure problem"). 2D numerical simulations show that non-spherical mass accretion via disks significantly alleviates this problem (10, 60) . 3D simulations by (47) demonstrate that 3D effects (e.g., radiative Rayleigh-Taylor instability growing in the accretion envelope) also reduce the repulsive force in addition to the effect of the disk accretion. However, it is still controversial whether the 3D effects are essential for determining the upper mass limit for present-day high-mass star formation. More recent 3D simulations by (61) show that the radiation pressure barrier is circumvented with the disk accretion, but find no critical 3D effects.
Without dust grains the opacity of the primordial gas is much lower than for the present-day Galactic interstellar medium. The dynamical evolution discussed in our article is not primarily due to radiation pressure, but rather to the high gas pressure of photoionized gas, which causes the dynamical expansion of the HII region supplemented by the photoevaporation of the disk. UV feedback effects in the present-day high-mass star forming regions have also been studied with 3D numerical simulations (62, 63) . However, these studies focus on the feedback effects over the large length-scale of cluster-forming clumps, ∼ 1 pc. By contrast, we consider here the smaller-scale feedback processes in the vicinity of protostars, such as photoevaporation of the disks. The photoevaporation rate from the disk is expected to be highest at a radial distance from the star R = R g,HII given by equation (28) (56) . However, the regions smaller than 1000 AU around forming stars are not spatially resolved in the above-cited studies. The photoevaporation of the disk is a local process which takes place in the very central part of the HII region. In 3D we can expect the photoionized gas to have a clumpier structure than modeled by our 2D simulations. However, such small-scale inhomogeneities would be smoothed out within the sound crossing time, which is much shorter than the dynamical timescale of the expanding HII region.
As referred in Sec. 1.1.3, recent 3D simulations demonstrate that the circumstellar disks around primordial protostars fragment in the early stage of the accretion phase. The fragmentation of the disk would somewhat reduce the stellar final masses, as the accreting materials are shared among the fragments (64) . Several authors have also suggested that a turbulent velocity field is present after the gravitational collapse of primordial gas cores (3) . Although the expected turbulent field is not strong for the very first stars, we note that, in our case, the turbulent field is further weaken by mapping the 3D data to the 2D axisymmetric data (see Sec. 2). With a random velocity field the angular momentum directions of accreting materials would be time-dependent. As a result, the polar direction of the circumstellar disk should vary with time as well and the photoevaporating flow would clear out a larger amount of accreting materials than otherwise. We speculate that this effect would accelerate the horizontal expansion of the HII region and reduce the resulting final stellar mass. Our obtained final mass of the first stars, several 10 M ⊙ , is thus a conservative upper limit. Nonetheless, this is still much lower than the postulated high values exceeding 100 M ⊙ . 
